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Abstract

Pair instability (PISNe) andpulsational pair instability supernovae (PPISNe) are a key tounder-
stand thefinal fate ofmassive stars. Despite the robust theoretical framework they are grounded
in, we still do not have any uncontroversial detection of PISNe and PPISNe. The aim of this
work is to investigate their event rate as a function of cosmic time, with particular focus on
the effects of metallicity and binary evolution, andmake a comparison with observational con-
straints. For this purpose, we use the population-synthesis code SEVN (Stellar EVolution for
N-body) to produce catalogues of single and binary stellar populations. We feed these cata-
logues to the code COSMORATE, to evaluate the event rate density in cosmological epochs.
From our simulations it appears that binary evolution is a key ingredient that enhances the
rate of PISNe and PPISNe. We further speculate about a possible tension with observational
constraints.
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1
Introduction

The thesis is organized as follows. In Chapter 2 we set the astrophysical basis for our work. We
describe the processes through which pair-creation instability can take place in astrophysical
context and for which kind of objects. Some possible candidates are mentioned and a frame-
work for constraints on observability is arranged.
Chapter 3 describes the astrophysical relevance of binary stellar systems. Herewe carry out a de-
tailed description of how companion stars in these systems can interact and transfer their mass
each other, sometimes in ways that can lead to merger events. This processes, typical of binary
evolution, can drastically alter the evolutionary path of single stars, enhancing the probability
of occurrence of pair instability processes within the system.
In Chapter 4, we introduce one of the main computational tools used for this thesis: the pop-
ulation synthesis code SEVN. Here we describe how SEVN can provide population synthesis
resembling real stellar population. In particular we describe how it simulates evolutionary pro-
cesses of single star, by means of interpolation of pre-computed stellar tracks, and binary evo-
lution by means of analytic and semi-analytic methods.
InChapter 5we focus on the cosmological evolutionof pair instability processeswith respect to
redshift. For this reason a detailed analysis of cosmic star formation rate and cosmicmetallicity
evolution is needed. Then we introduce the code COSMORATE. In Section 5.3 we describe
how COSMORATE estimates the evolution of event rate densities – for the processes of pair
creation instability – across cosmological epochs, interfacing data driven prescription for star
formation andmetallicity evolutionwith catalogs from population synthesis codes like SEVN.
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Chapter 6 contains the results of all the simulations performed with SEVN, for different kind
of populations, and the data analysis carried out for their outcome. The data from population
synthesis have then been fed to COSMORATE. Concluding remarks and comparisons with
observational constraints are eventually reported in Chapter 7.
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2
Pair instability supernovae

In this chapter we describe the characteristics of very massive stars (VMSs,M ≳ 100M⊙) fo-
cusing on their final fates in a theoretical framework. We then analyse some possible candidates
and the constraints for their observability.

2.1 Very massive stars and pair instability

Verymassive stars are defined as stars with an initialmass larger than 100M⊙. Because of this ex-
treme mass, they experience different evolutionary stages, and in particular different final fate,
with respect to lower massive stars (10M⊙ ≲ M ≲ 100M⊙). These in fact, defined simply as
massive stars, undergo a core collapse supernova (CCSN) in correspondence of iron burning
in their cores. VMSs instead are expected to experience a pair-creation instability during their
oxygen core-burning phase if they do not lose too much mass during their lives. This process
brings them, in most of the cases, to end their lives even before the iron-core burning phase
with a thermonuclear explosion.
For years the evolution of these stars was considered only in the framework of Population III
stars. These are the first stars formed in the Universe, born from primordial nucleosynthesis
material, and for this reasons lacking of heavy metals, so with metallicityZ ∼ 0.
It is believed that first stars were intrinsically massive because of the lack of efficient coolants
in the primordial gas. In fact, in this context, the main coolants for the collapse of primordial
cloud– leading to the formationof Population III stars – are theH2molecules. Theprimordial
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gas, as aforementioned, is deficient in heavy elements, which are the most efficient coolants in
present-day star formation. Moreover theminimummass at the onset of collapse is determined
by the Jeans mass that scales with the temperature asMJ ∝ T

3
2 .

If H2 is less efficient in cooling the primordial cloud, with respect to metals in present-day star
formation, it can remain hot during the collapse. Considering this and the behaviour ofMJ

with the temperature, we expect that the collapse leads to the formation of very massive stars
Population III stars. This result, in many cases, is validated by simulations, even if also other
physical quantities assume a key role e.g. gas number density – see Abel et al. (2000, [1]), Naka-
mura & Umemura (2001, [2]), Bromm et al. (2009, [3]).
For what above-mentioned we expect Population III stars to be good candidate for VMSs.
However, both observations and advanced stellar evolutionmodels suggest that VMSs are also
relevant in local Universe, at non-zero metallicity.
Furthermore, we are interested in metallicity because it is a fundamental quantity on which
mass loss, due to stellar winds, depends. Vink et al. (2001, [4]) found that the mass loss rate vs.
metallicity dependence behaves as a power-law with Ṁ ∝ Z0.69 for O stars and Ṁ ∝ Z0.64

for B supergiants. For this reason low metallicity stars avoid strong mass loss, remaining mas-
sive throughout all their lives. This can favor them to end up in the mass range in which pair
instability can take place. Indees, as described by Woosley & Heger &Weaver (2002, [5]) the
domain of pair instability supernovae is prescribed by the star helium-core massMHe: if this is
larger than 40M⊙ an explosion powered by nuclear burning is possible.
After experiencing hydrogen, helium and carbon burning, the core temperature of these stars
approaches 109K. At this point the whole star starts contracting at an accelerated rate. Energy
from photons that might have gone into raising the temperature and providingmore radiation
pressure is instead diverted to the production of electron-positron pairs (γ + γ → e− + e+).
Regions in which this process happens become locally dynamically unstable. To check if a star
is globally stable or not, a perturbation method should be adopted. However, Stothers (1999,
[6]) showed that an evaluation of the first adiabatic exponent properly weighted and integrated
over the whole star, ⟨Γ1⟩, is a very good approximation to determine the dynamical stability of
a star. Therefore we adopted the Stothers (1999, [6]) stability criterion, which states that a star
is stable if

⟨Γ1⟩ =
∫M
0

Γ1P
ρ
dm∫M

0
P
ρ
dm

>
4

3
, (2.1)
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Figure 2.1: Comparison, made by Costa et al. (2020, [7]), of the averaged first adiabatic index ⟨Γ1⟩ values versus the central
temperature of stars with hydrogen envelopes andMZAMS = 100M⊙. They used seven different values of themultiplier
parameter for the 12C(α, γ) 16O reaction rate, that correspond to varying the rate between−3σ and ¸+3σ. The lines
corresponding to +2 and ¸3σ are barely visible, because they almost perfectly overlap with the ¸+1σ line. The symbols
indicate carbon (green), neon (red) and oxygen (blue) burning phases, respectively. Stars and circles symbols indicate the
ignition and depletion of each element, respectively. The red horizontal line corresponds to ⟨Γ1⟩ = 4/3. The above blue
shaded area indicates values between 4/3 and 4/3+0.01, range in which the whole star starts to be dynamically unstable.

where Γ1 = (∂ lnP/∂ ln ρ)ad is the first adiabatic exponent, P is the pressure, ρ is the density
and dm is the element of mass.
When ⟨Γ1⟩ < 4/3 the star undergoes an instability. Indeed, radiation pressure is not able any-
more to sustain the inward gravitational pull produced from the large mass of the star. In this
case higher is the temperature, more pairs are produced and the implosion accelerates.
At this point, if the collapse velocity is not too high, the energy realised from subsequent nu-
clear reactions eventually halts the infall producing a bounce. The more massive is the helium
core, the deeper the bounce, the higher the bounce temperature, and the greater the amount
of oxygen burned. This process reverts the implosion in a thermonuclear explosion that totally
disrupts the star.
Although this is the main mechanism for pair-creation instability, depending on the helium
core mass, the situation can change. What we have just described as a single explosion unbind-
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ing the star is called pair instability supernova (PISN) and occurs when the helium core mass is
above 65M⊙ and below 130M⊙ (or main-sequence masses∼ 140 − 260M⊙ for Z = 0). In-
stead, for helium coremass between about 40M⊙ and 65M⊙, corresponding tomain-sequence
mass in the range 100 − 140M⊙ for Z = 0, the pair instability leads to violent mass-ejecting
pulsations and for this reason we talk about pulsational pair instability supernova (PPISN).
In the pulsational case, the energy released by the explosive burning is inadequate to unbind
the entire star. It suffices, however, to violently eject several solar masses of surface material,
including all that is left of the hydrogen envelope, in a series of giant pulses. After each pulse,
the remaining core contracts, radiates neutrinos and light, and searches again for a stable burn-
ing state. The time required for this contraction is sensitive to the strength of the pulse and
how close the star came to becoming unbound, producing an effective PISN. If the remaining
helium core is still over 40 solar masses the star encounters the instability again, and ejects an-
other several solar masses. Later ejections carry lower mass, because the envelope was expelled
in the first pulse, but have higher energy. After several eruptions, when the helium core is not
anymore over 40M⊙, the star is not able to undergo pair instability anymore. From this point
the star likely proceeds through the remaining nuclear burning steps up to the formation of
the Fe core, analogously to massive stars. As them it eventually explodes as a CCSN leaving a
neutron star or a black hole as a remnant [8].
If we instead consider higher initial stellar masses (M > 260M⊙) oxygen burning is inade-
quate to reverse the momentum of the implosion and the star can directly collapse into a black
hole. With rotation, the mass limit for black hole formation increases and still more violent
explosions can occur [5][9].

2.2 VMS observations

The field of very massive stars is in continuous development and in particular the observabil-
ity of these objects is a hot topic in modern astrophysics. The existence of stars with masses
≳ 102M⊙ in the local universe in fact can challenge our stellar evolutionarymodels and under-
mine the upper mass limit for Kroupa initial mass function, usually set around 150M⊙.
Nevertheless, in recent years we had some evidence for observations of very massive stars, e.g.
Crowther et al. (2010, [10]). In this work they reported the observations of stars with mass
larger then 100M⊙ in R136, the central concentration of stars in the NGC 2070 star cluster
(also known as Tarantula nebula or 30 Doradus) in the Large Magellanic Cloud, and in NGC
3603 a nebula situated in the Carina–Sagittarius Arm of the MilkyWay.
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Name Current mass in M⊙ Location
R136a1 265(320) LMC
R136a2 195 LMC
R136c 175 LMC
Peony star (WR 102ka) 175WR MW
HD 269810 150 LMC
VFTS 682 150WR LMC
R136a3 135 LMC
NGC 3603-B 132 MW
Arches-F9 120WN MW
η Carina-A 120(160) MW

Table 2.1: List of the most massive stars observed so far. The numbers in parentheses, following the current mass, stand
for the estimated initial masses. WR, WN, MW and LMC mean respectively Wolf‐Rayet star, Wolf‐Rayet of type WN, Milky
Way and Large Magellanic Cloud.

Through spectroscopic analyses using Hubble Space Telescope and Very Large Telescope and
near infrared photometry, they derived important parameters for WN stars (a spectroscopic
class of Wolf-Rayet stars) in these two systems. In particular, they found that these stars make
a disproportionate contribution to the global ionizing and wind power budget of their host
clusters. Indeed, the star R136a1 alone supplies∼ 7% of the ionizing flux of the entire 30Do-
radus region. Comparisons with stellar models suggest ages of∼ 1.5Myr and initial masses in
the range 105− 170M⊙ for three systems in NGC 3603, plus 165− 320M⊙ for four stars in
R136.
As this work, many others have identified very massive stars in the local universe, in particular
in theMilkyWay and in the LargeMagellanicCloud, as it is possible to see fromTable 2.1 from
Kozyreva (2014, [11]).

2.3 PISN candidates and constraints

Asdiscussed above,many present-dayVMSs in theirmain evolutionary stages have been discov-
ered and many of them greatly exceed 100M⊙. Since these stars are thought to be progenitors
of PISNe and PPISNe we expect that, within metal-poor environments, these supernovae can
actually occur, even in the local universe. This is exactly what has been claimed for SN 2006GY
by Smith et al. (2007, [12]) and SN 2007bi by Gal-Yam et al. (2009, [13]). In both cases we
have different hints suggesting that these events actually correspond to PISNe.
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Figure 2.2: The image shows the central region of the Tarantula Nebula in the Large Magellanic Cloud. The young and dense
star cluster R136 can be seen on the right of the image.

For the case of SN 2006GY, Smith et al. (2007, [12]) observed a Type IIn supernova in NGC
1260 revealing that it reached a peak visual magnitude of about−22, making it, at the time of
observation, the most luminous supernova ever recorded. It had a very slow rise to maximum
that took about 70 days and stayed brighter than−21mag for about 100 days. The estimated
total radiated energy was ∼ 1051erg. For any known mechanism of production of energy –
thermal emission, circumstellar interaction, or 56Ni decay – such enormous energy would re-
quire a very massive progenitor star. Considering radioactive decay of 56Ni, it would imply a
large Ni mass of ∼ 22M⊙. This large presence of nickel could be a signature indicating that
SN 2006gy was a PISN – see Kozyreva & Yoon & Langer (2021, [14]) – where the star’s core
was obliterated, or a PPISN, as claimed byWoosley & Blinnikov &Heger (2007, [8]). More in
general the huge radiated luminosity, the long duration, the presence of hydrogen in the spec-
trum, the low expansion speed of the supernova ejecta are all consistent with the hypothesis
that this event was powered by a pair-creation instability implying that, in this hypothesis, the
progenitor star’s initial mass may have been∼ 150M⊙.
The case of SN 2007bi is quite different from the previous one. In fact spectroscopic obser-
vation showed no trace of either hydrogen or helium, leading to a Type Ic classification. The
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measured light curve showed a very long rise time to peak of∼ 70 days, an extreme luminosity
reaching an absolute peak R-bandmagnitude ofMR = −21.3mag, and a slow decline of 500
days. These properties suggest that the very massive ejecta were energized, as probably also for
the case of SN 2006GY, by a large amount of radioactive nickel (> 3M⊙) as expected from
pair instability SNmodels. The large amount of kinetic energy released (∼ 1053 erg) place this
event among the most extreme explosions known. Moreover the data from the light curve fit
very well the theoretical light curves calculated from PISN models. These data would suggest
that the progenitor of the supernova was a very massive star with a helium core mass of around
100M⊙. The quantitative estimate of the helium coremass and the analysis of the nebular spec-
tra, is inconsistent with iron-core-collapse models, that so can be discarded, and theoretically
requires a PISN. Is possible to conclude that most likely this represent the first clear example
of a PISN.

2.3.1 Observational rates

Despite we have some observations resembling PISNe and PPSINe events – see Arcavi et al.
(2017, [15]) – these results aren’t at all satisfactory in a theoretical framework, where the rela-
tive event rate between CCSN and PISN should be∼ 1% from the conventional stellar evolu-
tion simulations for the Salpeter IMF [16]. In fact, thanks to the development of automated
wide-field surveys, currently more than 1000 supernovae are discovered every year. This large
numbermight be enough for the detection of PISNe. The above estimate of 1% for the relative
event rate of PISNe to CCSNe is based on a conventional estimate for the initial mass range of
PISNe found in section 2.1 of 140− 260M⊙.
Away tounderstand thepossible origin of this discrepancy is providebyTakahashi (2018, [16]).
Here is displayed the possibility that the event rate of PISNe has possibly been overestimated if
the upper and lower ends of the PISNmass range have been underestimated. In fact most esti-
mates of the PISN initial mass range assume the well-defined mass range of the carbon-oxygen
(CO) core for PISNe of∼ 65− 120M⊙ but this range could actually be shifted toward higher
masses.
Investigating the evolution of VMSs with various core carbon-to-oxygen (X(C)/X(O)) ratios,
they found that VMSs with high core carbon-to-oxygen ratios follow a qualitatively differ-
ent evolutionary path from conventional models. In particular less massive VMSs avoid pair-
creation instability since their effective core masses are reduced during the carbon-burning
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phase by developing shell convection. While more massive models, still considering an high
carbon-to-oxygen ratios, have an higher explodabilities, i.e. a star with high X(C)/X(O) ex-
plodes with a smaller explosion energy. Consequently, the initial mass range for PISNe in-
creases increasing the carbon-to-oxygen ratio. This would cause PISNe to be much rarer (and
fainter) of what previously thought.
The above-mentioned result would suggest a reduction of the relative rate between PPSINe
and CCSNe. This is in agreement with what found by Moriya et al. (2021, [17]) that con-
ducted a long-term survey using Hyper Suprime-Cam (HSC) on the 8.2m Subaru telescope,
to constrain the rates of supernovae lastingmore than a year (in which also PISN are included).
Among all the long-lasting supernovae found (all likely Type IIn supernovae) no plausible
PISN candidate has been discovered. Comparing these results with survey simulations is pos-
sible to constrain the pair instability supernovae rate for z ≲ 3. In this way they discovered
that the rate is of the order of 100Gpc−3 yr−1 at most and the relative rate with core collapse
supernovae is 0.01− 0.1%, substantially lower than the above estimate of∼ 1%.

10



3
Binary evolution

In this chapter we describe which are the main properties of binary stellar systems (BSS) and
how their evolution can be relevant in the field of PISN and PPISN formation.

3.1 Binary properties

Most stars in the sky are in binary systems or, more generally, in multiple systems. Of course,
the majority of binaries are in fairly wide systems that do not interact strongly and where both
stars evolve essentially as single stars. But there is a large fraction of systems (with orbital period
Porb ≲ 10yr) that are close enough that mass is transferred from one star to the other changing
the structures of both stars and their subsequent evolution [18]. Binary surveys suggest that
the range of interacting binaries, which are the systems of interest in this chapter, is in the range
of 30% to 50%where the binary fraction is higher for more massive stars; see e.g. Duquennoy
&Mayor(1991, [19]), Kobulnicky & Fryer(2007, [20]).
The most important parameters for the description of binary systems are the mass-ratio distri-
bution i.e. q = M1/M2, whereM1 andM2 are the initially more massive (the primary) and
the initially less massive star (the secondary) respectively, and the already cited orbital period
Porb, that can range from 11min (for a NS-WD binary) to∼ 106 yr .
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3.2 Mass transfer

If two stars exchangematter to each other, it means they undergo amass transfer episode. This
might be driven either by stellar winds or by an episode of Roche lobe filling.
When a massive star loses mass by stellar winds, its companion might be able to capture some
of this mass. This will depend on the amount of mass which is lost and on the relative velocity
of the wind with respect to the companion star. Since the mass loss rate of the donor is usually
quite low (M1

˙ < 10−3M⊙ yr−1) and because of the geometry of the system this kind of mass
transfer is usually quite inefficient.
Roche lobe, instead, is a key concept for mass transfer and the evolution of binary systems.
Considering the so called restricted three body problem, where one follows the motion of a
mass-less test particle in the gravitational field of two orbiting masses M1 and M2, one can
define an effective potential in a co-rotating frame that includes the gravitational potential of
the two stars and the centrifugal force acting on the test particle (this assumes that the orbit is
circular). This potential has 5 so-called Lagrangian points where the gradient of the effective
potential is zero (i.e., where the net force is 0 in the co-rotating frame). The three most impor-
tant ones lie along the line that connects the two stars. Of particular importance is the inner
one, referred to as L1 or inner Lagrangian point, since the equipotential surface that passes
through this point connects the gravitational spheres of influence of the two stars. This means
that, if one star starts to fill itsRoche lobe (the teardrop-shaped equipotential surface surround-
ing each star), thenmatter can flow through the L1 point into the Roche lobe of the other star.
This is themost efficient way of howmass can be transferred from one star to the other and it is
called Roche lobe overflow (RLOF). The effective Roche lobe radiusRL only depends on the
orbital separation a and the mass-ratio q. For circular orbits and primary star with massM1, it
is well approximated by the following expression from by Eggleton (1983, [21])

RL =
0.49q−

2
3

0.6q−
2
3 + ln(1 + q−

1
3 )
a, (3.1)

and an analogous expression holds for the effective Roche lobe radius of secondary star .
Mass transfer obviously changes themass of the two stars in a binary, and thus the orbital prop-
erties of the binary. But since the mass is a parameter regulating the evolutionary path of stars,
a variation inmass due tomass transfer will impact on subsequent evolutionary stages and also
on the final fates of stars. For these reasons the study of mass transfer is of fundamental im-
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Figure 3.1: In this image is possible to see the equipotential surface of Roche lobe potential and the equipotential lines,
projected on the orbital plane, with the position of three Lagrangian points L1, L2 and L3

portance when dealing with the evolution of VMSs and pair-creation instability. Through this
process, as we are going to see in the next section, stars can gain mass or even merge undertak-
ing a totally different evolutionary path, giving birth to objects that, because of their increased
mass, could more likely find themselves in the mass range – discussed in chapter 2 – of PISNe
or PPISNe.

3.3 Roche lobe overflow

A crucial information about Roche lobe overflow is whether it is stable or unstable. For what
concerns the stable case, it is the easiest type of mass transfer to understand. In this case, most,
but not necessarily all, of the transferredmass is accreted by the companion star, generally lead-
ing to a widening of the binary. Mass transfer ends when the donor star does not fill its Roche
lobe anymore or most of its hydrogen-rich envelope has either been transferred to the com-
panion or been lost from the system. In the latter cases, the end product will be a hydrogen-
exhausted helium star with at most a small hydrogen-rich envelope [22]. Mass accretion will
also change the structure of the accreting star. If it is still on the main sequence, the accretor
tends to be rejuvenated and then behave like a more massive normal main-sequence star.
The most used approach to better describe RLOF and to discriminate if it is stable or not is
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Figure 3.2: Roche lobe overflow between amain‐sequence star and an accretingwhite dwarf. In this case themass streaming
from the companion to the white dwarf lead to the formation of an accretion disk.

the following [23]. Let us assume that the stellar radius and mass are connected by a simple
relationR ∝M ζ . Thus, the variation of the donor’s radius during Roche lobe is

dR1

dt
=
∂R1

∂t
+ ζ

R1

M1

dM1

dt
. (3.2)

In the above equation, the term ∂R1

∂t
is due to nuclear burning, while the termwith ζ measures

the adiabatic or thermal response of the donor star to mass loss. Note that dM1
dt

is the mass loss
from the donor; hence it is always negative.
Similarly, the change of the size of the Roche lobe of the donorRL can be estimated as

dRL,1

dt
=
∂RL,1

∂t
+ ζL

RL,1

M1

dM1

dt
(3.3)

where ∂RL,1

∂t
depends on tides andGW radiation, while ζL describes the response of the Roche

lobe to mass loss: the Roche lobe might shrink or expand. If ζL > ζ , the Roche lobe shrinks
faster than the radius of the star does and the mass transfer is unstable, otherwise it remains
stable until the radius changes significantly by nuclear burning.
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In the context of mass transfer two timescales have an important role concerning the response
of the donor star to mass loss. They are the dynamical timescale

tdyn ∼

√
4
3
πR3

GM
∼ 3300s

(
R

R⊙

)3/2 (M⊙

M

)1/2

(3.4)

that is the timescale for a star to collapse by its own gravity in absence of pressure, and the
thermal, or Kelvin-Helmoltz, timescale

tKH ∼ GM2

RL
∼ 3× 107yr

(
M

M⊙

)2
Lodot
L

R⊙

R
(3.5)

that is the timescale for a star to contract by radiating away all its gravitational potential energy.
Mass transfer can be unstable either on one or on the other timescale. In particular if it is un-
stable on dynamical timescale, it means that ζ describes the adiabatic response of the donor
to mass loss while, if it is unstable on thermal timescale, it means that ζ describes the thermal
response of the donor; in both cases the condition for instability is ζL < ζ . If mass transfer
is dynamically unstable or both stars overfill their Roche lobe, then the binary is expected to
merge –- if the donor lacks a steep density gradient between the core and the envelope –- or to
enter common envelope (CE) –- if the donor has a clear distinction between core and envelope.

Common envelope

If two stars enter CE, their envelopes stop co-rotatingwith their cores. The two stellar cores (or
the compact object and the core of the companion star, if the binary is already single degener-
ate) are embedded in the same non-corotating envelope and start spiralling-in as an effect of gas
drag exerted by the envelope. Part of the orbital energy lost by the cores as an effect of this drag
is likely converted into heating of the envelope, making it more loosely bound. If this process
leads to the ejection of the envelope, then the binary survives, but the post-CE binary is com-
posed of two naked stellar cores (or of a compact object and a naked stellar core). Moreover,
the orbital separation of the two cores is considerably smaller than the initial orbital separation
before the CE, as an effect of the spiral-in. In contrast, if the envelope is not ejected, the two
cores spiral in till they eventually merge. After the merger, the remnant will be a rapidly rotat-
ing super-giant star. In general, binary mergers can occur on a large range of timescales. This
depends mainly on the structure of the envelope, in particular the density profile, since this
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Figure 3.3: Key stages in the common envelope phase. In the first phase a star fill its Roche lobe and RLOF starts. Then the
companion is engulfed in the envelope and both stars start to spiral‐in. Eventually the envelope can be either ejected or the
two stars can merge.

determines the friction timescale and hence the spiral in timescale during the spiral in phase.
The different stages of CE phase are shown in Figure 3.3.
The α formalism is the most common formalism adopted to describe common envelope, even
if the simplest one. It can gives us information onwhether the binarymerges or not during CE
phase. The basic idea of this formalism is that the energy needed to unbind the envelope comes
uniquely from the loss of orbital energy of the two cores during the spiral in. The fraction of
the orbital energy of the two cores which goes into unbinding the envelope can be expressed as

∆E = α(Eb,f − Eb,i) = α
GMc1Mc2

2

(
1

af
− 1

ai

)
(3.6)

whereEb,i (Eb,c) is the orbital binding energy of the two cores before (after) the CE phase, ai
(af ) is the semi-major axis before (after) the CE phase,Mc1 andMc2 are the masses of the two
cores, and α is a dimensionless parameter that measures which fraction of the removed orbital
energy is transferred to the envelope.
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The binding energy of the envelope is

Eenv = G

[
Menv,1M1

λ1R1

+
Menv,2M2

λ2R2

]
, (3.7)

whereM1 andM2 are the masses of the primary and the secondary star of the binary,Menv,1

andMenv,2 are the masses of the envelope of the primary and the secondary star of the binary,
R1 andR2 are the radii of the primary and the secondary star of the binary, and λ1 and λ2 are
the parameters (or the functions) that measure the concentration of the envelopes of the stars
(the smaller they are, the more concentrated are the envelopes).
By imposing∆E = Eenv we can derive the value of the final semi-major axis af for which the
envelope is ejected. Thismeans that the larger (smaller)α is, the larger (smaller) the final orbital
separation. If the resulting af is lower than the sum of the radii of the two cores (or than the
sum of the Roche lobe radii of the cores), then the binary will merge during CE, otherwise the
binary survives.
Actually, we have known for a long time that this simple formalism is a poor description of the
physics of CE, which is considerably more complicated. A lot of effort has been put in mod-
elling the physics of CE with analytic models and numerical simulations, but still the problem
remains largely unconquered [18][23].

The importance of binary interactions

We have just seen that in a binary system, the evolutionary path is drastically altered by the pres-
ence of a nearby companion because of mass exchange or even merger events. On top of this,
we can also state that the frequency of interaction events within binaries, especially for massive
stars, is quite high as revealed by Sana et al. (2012, [24]). Through the spectroscopic observa-
tion ofO-type star (hot, blue-white star, typically verymassive) population of six nearbyGalac-
tic open stellar clusters, they found that 71% of them interact with a companion, over half of
which doing so before leaving the main sequence. Based on calculations of binary evolution in
short-period systems, they also found that 20 to 30% of all O stars will merge with their com-
panion, and that 40 to 50% will be either stripped of their envelope or will accrete substantial
mass. Since also observations can confirm it, we can claim that binary interactions drastically
alter the evolution and final fates of stars and is, by far, themost frequent evolutionary channel
for more massive stars.
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4
Population synthesis codes and SEVN

4.1 Population synthesis codes

Stellar population synthesis codes are designed to find a combination of stars producing the
characteristics of a particular stellar population. By means of these codes, we are able to per-
form semi-analytic evolutionof single andbinary stellar populations, providing very large statis-
tics. This aspect is of fundamental importance for us since the the parameters in which we are
interested, regarding PISNe and PPISNe, must be statistically relevant.
To achieve this goal many simplifications are needed. In particular the overall hydrodynamical
evolution of the systems, that would provide the highest possible accuracy, is not considered.
It would require∼ 1million CPU hours for a single binary system. From this point of view
binary population synthesis codes are certainly the fastest approach to model binary star evo-
lution, from the zero-age main sequence (ZAMS) to the final fate. For example, the famous
BSE code [25][26], which is the common ancestor of most binary population synthesis codes,
evolvesO(106) binary stars in a couple of hours on a single CPU core. For comparison, a mod-
ern stellar evolution code requiresO(10 − 100) CPU hours to integrate the evolution of an
individual binary star. The speed of binary population synthesis codes is essential not only to
model the parameter space of massive binary star evolution, but also to guarantee that they can
be interfaced with dynamical codes to study the dynamical formation of binary compact ob-
jects in dense stellar clusters [27].
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A large number of binary population synthesis codes have been developed across the years. All
of them are independent codes but, most of them rely on the same model of stellar evolution:
the accurate and computationally efficient fitting formulas developed by Hurley et al. (2000,
[25]), based on the stellar tracks by Pols et al. (1998, [28]). These fitting formulas express the
main stellar evolution properties (e.g., photospheric radius, core mass, core radius, luminosity)
as a function of stellar age, mass (M ), andmetallicity (Z). In this way the results of binary pop-
ulation synthesis codes adopting such fitting formulas can differ just by the way they model
stellar winds, compact-remnant formation and binary evolution, but rely on the same stellar
evolutionmodel. This implies that they can probe only a small portion of the parameter space,
that depends on the physics encoded in the original tracks by Pols et al. (1998, [28]). Moreover
stellar evolution models changed a lot since 1998, also probing a much wider mass and metal-
licity range than the ones considered by Hurley et al. (2000, [25]).
In the years, alternative strategies have been developed to include, in new population synthesis
codes, up-to-date stellar evolution and a wider range of masses and metallicities. These consist
for example in integrating stellar evolution on the fly, e.g. BPASS (Eldridge et al., 2016, [29]);
MESA (Paxton et al., 2011, [30]) or in reading stellar evolution from lookup tables. Among
these we have codes like COMBINE (Kruckow et al., 2018, [31]), METISSE (Agrawal et al.,
2020, [32]), POSYDON (Fragos et al., 2023, [33]) and SEVN (Spera et al., 2015, [34]; Spera&
Mapelli, 2017, [35]; Spera et al., 2019, [36]; Iorio et al., 2023, [27]). They all share the same ap-
proach to stellar evolution that consists into including an algorithm that interpolates the main
stellar-evolution properties (mass, radius, core mass and radius, luminosity, etc as a function
of time and metallicity) from a number of pre-computed tables. The main advantage is that
the interpolation algorithm is more flexible than the fitting formulas, in fact in order to update
the stellar evolution model it is sufficient to generate new tables. Furthermore, this approach
allows to easily compare different stellar-evolution models encoding different physics.
In this work we have used SEVN to explore the main properties and formation rates of PISNe
andPPISNe both in single and binary stellar systems. For this reasonwe nowdescribe themain
characteristics of the code referring mainly to Iorio et al. (2023, [27]).

4.2 Description of SEVN

SEVN (Stellar EVolution forN-body) is a rapid binary population synthesis code, which calcu-
lates stellar evolution by interpolating pre-computed sets of stellar tracks [34] [35] [36]. Binary
evolution is implemented through analytic and semi-analytic prescriptions. The main advan-
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Figure 4.1: Single stars are characterised by their properties (mass, radius,...) and single stellar evolution processes (supernova
explosion type and natal kicks). Binary stars are characterised by their properties (semi‐major axis, eccentricity,..), binary‐
evolution processes (mass transfer by winds, Roche‐lobe overflow, CE, tides,..), and by the two stars component of the
binary system.

tage of this strategy is that it makes the implementation more general and flexible, in fact the
stellar evolution models adopted in SEVN can easily be changed or updated just by loading a
new set of lookup tables. SEVN allows to choose the stellar tables at runtime, without modi-
fying the internal structure of the code or even recompiling it.
It is written completely in C++ and exploits the CPU-parallelisation throughOpenMP. Single
stars, binary systems, properties and processes are represented with C++ classes as it is possible
to see from Figure 4.1

4.2.1 Single stellar evolution

The single stellar evolution (SSE) of a star is uniquely defined by two values: MZAMS and Z ,
i.e. the zero-age main sequence mass and its metallicity. For each couple of (MZAMS , Z) the
SSE will be always the same (for a given set of evolutionary tracks). SEVN requires as input
two sets of tables: one for stars starting their lives from hydrogen main sequence and the other
for pure helium stars (stars that are H depleted).
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For each stellar evolution model are needed at least seven mandatory tables, grouped by metal-
licity. Each table refers to a different stellar property. The seven mandatory tables correspond
to the main stellar properties: time, total stellar mass, He-core mass, CO-core mass, stellar ra-
dius, bolometric luminosity, and the stellar phase. Additional properties such as the radii of
the He and CO cores, the envelope binding energy and the properties of the convective enve-
lope are optional. These tables are not mandatory because they contain information that are
not available in most stellar-evolution tracks, but they are needed to properly model several
evolution processes. Themodular structure of SEVNmakes it possible to easily introduce new
tables to follow the evolution of additional stellar properties.

Stellar phases

Spera et al. (2019, [36]) found that the interpolationof stellar evolutionproperties significantly
improves if we use the percentage of life of a star instead of the absolute value of its lifetime. In
order to refine the interpolation, they estimated the percentage of life in three stellar macro-
phases. Instead in the current, updated version of SEVN the stellar evolution is divided in
seven physically motivated macro-phases. The first is the pre-main sequence phase, from the
zero age to the start of ignition of hydrogen in the core (PMS, phase id = 0). During the hy-
drogen burning, the star is in the main sequence phase (MS, phase id = 1) until we have the
creation of helium core and the star enters the terminal main sequence phase (TAMS, phase
id = 2). In the next phase the hydrogen in the core has been completely exhausted and the star
only burns hydrogen in the shell surrounding the helium core (SHB, phase id = 3). The star
then starts burning helium in the core (CHeB, phase id = 4) and when the carbon-oxygen core
starts to form we enter in terminal-age core He burning (TCHeB, phase id = 5, CO-core mass
> 0) and in the shell helium burning (SHeB, phase id = 6) when helium has been exhausted in
the core. The remnant phase (phase id = 7) begins when the evolution time exceeds the star’s
lifetime and the star becomes a compact remnant.
During its evolution, a star can be stripped of its hydrogen envelope either because of effective
stellar winds or due to binary interactions. If theHe-coremass is larger than 97.9% of the total
stellar mass, SEVN classifies the star as a Wolf-Rayet (WR) star and the star jumps to a new
interpolating track (see 4.2.3) on the pure-He tables. In SEVN, pure-He stars are not inscribed
in a special phase, in fact the only difference with respect to hydrogen-rich stars is that a pure-
He star does not go through phases 0−3, but rather starts its life directly fromphase 4 (CHeB).
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Interpolation

In SEVN the properties of each star are estimated, at a given time, through interpolation. For
each couple of (MZAMS ,Z) that we want to calculate, SEVN assigns four interpolating tracks
from the hydrogen or pure-He lookup tables. These tracks have two different metallicities
(Z1, Z2) and four different ZAMS masses, two per each metallicity (MZAMS,1, MZAMS,2,
MZAMS,3, MZAMS,4). These values are chosen asMZAMS,1/3 ≤ MZAMS ≤ MZAMS,2/4

andZ1 ≤ Z ≤ Z2. A given interpolated propertyW is estimated as follows:

W =
Z2 − Z

Z2 − Z1

WZ,1 +
Z − Z1

Z2 − Z1

WZ,2 (4.1)

where

WZ,1 = β1WZAMS,1 + β2WZAMS,2 (4.2a)

WZ,2 = β3WZAMS,3 + β4WZAMS,4 (4.2b)

In Eq. 4.2 WZAMS,i indicates the value of the property W in the interpolating tracks with
MZAMS,i andβ are interpolationweights. Theseweights can be either linear, logarithmic or ra-
tional depending on the interpolated property we are dealing with; see Iorio et al. (2023,[27]).
When a star is initialised, SEVNuses the equations for interpolation 4.1 and 4.2 to set the start-
ing times of the stellar phases (tstart,p) where in this caseWZAMS,i are the phase times.
Stellar lifetime is interpolated in the sameway, assuming that the last element in the SEVN time
table sets stellar lifetime. For all the other properties,W has to be estimated at a given time t.
The correspondingWZAMS,i in the tables is not estimated at the same absolute time t, rather
at the same percentage of life in the phase of the interpolated star

Θp =
t− tstart,p

tstart,pnext − tstart,p
, (4.3)

where tstart,p indicates the starting time of the phase p, and tstart,pnext the starting time of the
next phase pnext, obtaining in this way the phase time interval at the denominator. Hence,
SEVN uses Eq. 4.3 to evaluate the times for each of the four interpolating tracks

ti = tstart,p,i +Θp∆p,i (4.4)
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where tstart,p,i andΘp∆p,i are the starting time and the time duration of the current phase for
each interpolating track, respectively. Once evaluated the time it can estimatesWZAMS,i in Eq.
4.2 by linear interpolation, along the time, of the values stored in the tables.
This division into phases guarantees that all the stars have the same internal structure reducing
the interpolation error.

Compact remnants

A compact remnant forms when the evolution time exceeds the stellar lifetime. Depending on
the final mass of the CO core, SEVN can trigger the formation of a white dwarf if the final
CO mass isMCO,f < 1.38M⊙, the explosion of an electron capture supernova (1.38M⊙ ≤
MCO,f < 1.44M⊙) producing aneutron star, or a core collapse supernova (MCO,f ≥ 1.44M⊙).
For ourwork is interesting to see the approach used in SEVN to handle pair-creation instability.
In the updated version of the code are included twomodels for PPISNe and PISNe: M20 and
F19. M20 – the model used to perform our simulations (see Chapter 6) – is based on the fit by
Spera & Mapelli (2017, [35]) to the black hole (BH) mass obtained with 1D hydrodynamical
simulations by Woosley (2017, [37]). Here a star undergoes PPISN if the pre-supernova He-
core mass is within 32 and 64M⊙, while a PISN is triggered for 64 ≤MHe,f ≤ 135 and above
135M⊙ the star directly collapse to a BH, leaving an intermediate-mass BH.
PISNe leave no compact remnant, while the final mass of the compact remnant after PPISN is
obtained by applying a correction to the BHmass predicted by the adopted core collapse super-
nova modelMCCSN . In this work we used just two core collapse models: the delayed and the
rapid model by Fryer et al. (2012, [38]). These two only differ by the time in which the shock
in CCSN is revived: < 250ms and> 500ms for rapid and delayed model, respectively. The
mass of the PPISN remnant so is

MPPSIN =

{
αPMCCSN if αPMCCSN ≥ 4.5M⊙

0 if αPMCCSN ≤ 4.5M⊙
(4.5)

The correction factor αP depends onMHe,f and the pre-supernova mass ratio between the
mass of theHe core and the total stellar mass and it can take any value between 0 and 1 (a value
of 0 corresponds to a PISN). If αPMCCSN ≤ 4.5M⊙, a PISN is triggered and the mass of the
compact remnant is set to zero. The limit at 4.5M⊙ is based on the least massive BH formed in
the simulations byWoosley (2017, [37]).
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4.2.2 Binary evolution

SEVN performs binary stellar evolution by means of analytic and semi-analytic methods im-
plemented to simplify a number of complex physical processes. They are wind mass transfer,
RLOF, CE, stellar tides, circularisation at the RLOF onset, collision at periastron, orbit decay
by gravitational waves (GWs) emission and stellar mergers. We now briefly describe how them
are implemented in the code.
Windmass transfer is implemented following the implementation used byHurley et al. (2002,
[26]), inwhich theorbit-averaged accretion rate is estimated according toBondi&Hoyle (1944,
[39]) mechanism and fast wind approximation (wind velocity faster then orbital velocity).
Then we have the Roche lobe overflow (RLOF) that in SEVN begins whenever the radius of
one of the two stars becomes equal to (or larger than)RL of Eq. 3.1, and stops when this con-
dition is not satisfied anymore, or if the mass transfer leads to a merger or a CE. SEVN checks
for this condition at every time-step. The RLOF implementation used in this work is based on
Hurley et al. (2002 , [26]), Spera et al. (2019, [36]) and Bouffanais et al. (2021, [40]).
The CE evolution, as implemented in SEVN, is based on the so-called energy formalism as de-
scribed in Hurley et al. (2002, [26]) and briefly mentioned in Section 3.3. This formalism is
based on the comparison between the energy needed to unbind the stellar envelopes and the
orbital energy before and after the CE event.
For what concerns tidal forces between two stars in a binary system, they tend to synchronise
the stellar and orbital rotation, and circularise the orbit. In SEVN, the effect of tides on the
orbit and stellar rotation follow the weak friction analytic models by Hut (1981, [41]), as im-
plemented in Hurley et al. (2002, [26]). The model is based on the spin-orbit coupling caused
by the misalignment of the tidal bulges in a star and the perturbing potential generated by the
companion.
SEVNthendescribes the impact ofGWemission on the orbital elements by including the same
formalism as BSE code (Hurley et al. 2002, [26]):

ȧ = −64G3M1M2(M1 +M2)

5c5a3 (1− e2)( 7
2
)

(
1 +

73

24
e2 +

37

96
e4
)

(4.6)

ė = −304G3M1M2(M1 +M2)

15c5a4 (1− e2)( 5
2
)

(
1 +

121

304
e2
)
e. (4.7)

The above equations, described in Peters (1964, [42]), account for orbital decay and circulari-
sation by GWs. In SEVN they are switched on whenever the GWmerger timescale, tmerge, is
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shorter than the Hubble time. The GW merger timescale is estimated using a high-precision
approximation of the solution of the systems of equations 4.6 and 4.7 – see Appendix D in
Iorio et al. (2023, [27]).
Finally we have stellar mergers that have a strong impact in the field of PISNe and PPISNe for-
mation (see Chapter 6). When two stars merge, SEVN simply sum their CO cores, He cores
and total masses. The merger product inherits the phase and percentage of life of the most
evolved progenitor star. The most evolved star is the one with the largest SEVN phase ID or
with the largest life percentage if the merging stars are in the same phase.
In SEVN, we do not need to define a collision table for the merger between two stars because
the interpolation algorithmfinds the new post-merger track self-consistently, without the need
to define a stellar type for the merger product. It makes instead use of a collision table when
describing the outcome ofmergers involving compact objects – see Table 4 in Iorio et al. (2023,
[27]).

4.2.3 Evolution algorithm

Adaptive time-step and temporal evolution

SEVN uses a prediction-correction method to adapt the time-step accounting for the large
physical range of timescales (from a few minutes to several Gyr) typical of stellar and binary
evolution.
To decide the time-step, we look at a sub-set of stellar and binary properties (total mass, radius,
mass of the He and CO core, semi-major axis, eccentricity, and amount of mass loss during a
RLOF) and if any of them changes too much during a time-step, the time-step is reduced and
the calculation repeated. What we do in practice is to choose a maximum relative variation
δmax (by default 0.05) and impose that

max
P∈properties

|δP | ≤ δmax, (4.8)

where |δP | is the absolute value of the relative property variation.
SEVN then predicts the next time-step as

dtnext = min
P∈properties

(
δmax

dtlast
|δPlast|

)
(4.9)
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where dtlast is the last time-step and δPlast is the relative variation of property P during the
last time-step, hence δPlast/dtlast represents the absolute value of δPlast time derivative.

Figure 4.2: Schematic representation of the sevn evolution algorithm. The ”changed too much” checks refer to the variation
of the stellar and/or binary properties. In the case of single‐stellar evolution or in the case of an ionized binary, sevn skips
the sections “apply binary processes” and “update stellar and binary properties”. The “special case” check refers to all the
cases in which SEVN repeats the evolution to follow a particular binary evolution process, i.e, CE, merger, and circularistaion
at the onset of the RLOF

After the evolution step (that we are going to see after), if the condition in Eq. 4.8 is not sat-
isfied, a new smaller time-step is predicted using Eq. 4.9 and the updated values of δPlast and
dtlast. Then, we repeat the evolution of all the properties with the new time-step until condi-
tion 4.8 is satisfied or until the previous and the new proposed time steps differ by less than
20%.
In the case in which a star approaches a change of phase, SEVN uses a different treatment. If
the time-step is large enough to cross the time boundary between twophases, it is automatically
reduced so that the next evolution step is brought to 10−10 Myr before the phase change. The
next time-step, instead, is set such that it brings the star/binary 10−10 Myr beyond the phase
change. In this way stellar properties are evaluated just before and after the phase change.

26



When evolving the systems,in each time-step, SEVNfirstly evolves the two stars independently
and after evaluates the accumulated property variation∆P due to each binary evolution pro-
cess. After the evaluation of the binary process, SEVNupdates each stellar and binary property.
In particular each binary property is evaluated asP (t) = P (t0)+∆P , whereP (t0) are the or-
bital and stellar properties at the beginning of the evolution step. Each single stellar evolution
property is instead calculated as P (t) = Ps(t) + ∆P , where Ps(t) is the value of the prop-
erty at the end of the time-step as predicted by single stellar evolution only. For example, if the
property P (t) is the mass of an accretor star during RLOF, Ps(t) is the mass predicted at the
end of the time-step by stellar evolution only (accounting for mass loss by winds), while∆P is
the mass accreted by RLOF and by wind-mass transfer during the time-step. If necessary, the
single and binary evolution step is repeated until the adaptive time-step conditions are satisfied.
For what concerns the transition from a star to a remnant, SEVN assumes that this happens
at the beginning of the time-step. In this case, SEVN assigns a mass and a natal kick to the
new-born compact object, based on the adopted supernova model. Then, it estimates the next
time-step for the updated system.
Similarly, SEVN does not use the general adaptive time-step criterion when one of the follow-
ing processes takes place: RLOF circularisation, merger, or CE. In such cases, SEVN uses an
arbitrarily small time-step (dttiny = 10−15Myr) and calculates only the aforementioned pro-
cess during such time-step. Then, it estimates the new time-step.
The SEVN temporal evolution scheme is summarised in Figure 4.2 [27].

Change of interpolating tracks

During its evolution a star can change significantly its mass due to binary evolution and in par-
ticular to processes like mass loss/accretion, or stellar merger. In this case SEVN needs to find
a new evolutionary track that better matches the current stellar properties.
The criteria followed by SEVN to decide if a change of track is necessary depend on the struc-
ture of stars, in particular if they have or not a decoupled core. For stars without a clear separa-
tion between core and envelope (MSH-stars or core He burning pure-He stars), SEVNmoves
onto a new evolutionary track every time the net cumulative mass variations due to binary pro-
cesses (RLOF, wind mass accretion) is larger than 1% of the current star mass. If a star has a
decoupled core (He or CO), its properties are what drive the evolution of the star. For this
reason, unless there is a change in core mass, no change of track is admitted.
When a star moves to a new track, SEVN searches the track that best matches the mass (or the
mass of the core) of the current star at the same evolutionary stage (SEVNphase andpercentage
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Figure 4.3: Schematic representation of the algorithm SEVN uses during a change of stellar track. The elements in the upper
row indicate all the cases for which the code searches for a new stellar track: a significant mass loss/mass accretion due to
binary interactions, a stellar merger, an H‐rich star that loses its envelope turning into a pure‐He star, and a pure‐He star that
accretes a new H envelope turning back into a H‐rich star. In stars with both an He and CO cores, the latter is the innermost
core. In stars with only an He core the innermost and outermost cores coincide.

of life) andmetallicity. We define the ZAMSmass of this new track asMZAMS,new. In general,
SEVN searches the new track in H table for H-rich stars or in pure-He table for pure-Helium
stars. The only exceptions occur when a H-rich star is turned into a pure-He star (in this case
SEVN jumps to pure-He tables) or when a pure-He is transformed in a H-rich (SEVN jumps
from a pure-He table to a H-rich one).
SEVN adopt two different strategies to findMZAMS,new for stars with or without a core. For
starswithout a core-envelope separation, SEVNfinds thebestMZAMS,new following themethod
implemented in Spera et al. (2019, [36], see their Appendix A2). Hereafter,M is the current
mass of the star,Mp is the mass of the star with ZAMS massMZAMS , estimated at the same
phase and percentage of life of the star that is changing track.MZAMS,old is the ZAMSmass of
the current interpolating track. Assuming a local linear relation betweenMZAMS andMp, we
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can estimateMZAMS,new using the following equation:

M =
Mp,2 −Mp,1

MZAMS,2 −MZAMS,1

(MZAMS,new −MZAMS,1) +Mp,1. (4.10)

As a first guess we setMZAMS,1 =MZAMS,old andMZAMS,2 =MZAMS,old+1.2δM , where
δM is the cumulative amount of mass loss/accreted due to binary processes. MZAMS,new is
accepted as the new ZAMSmass if the following condition is fulfilled:

|Mp,new −M |
M

< 0.005. (4.11)

If it is not satisfied, Eq. 4.10 is iterated replacingMZAMS,2 orMZAMS,1 with the last estimated
MZAMS,new. The iteration stops when the condition 4.11 is satisfied, or after 10 steps, or if
MZAMS,new is outside the range of the ZAMS mass covered by the stellar tables. If the con-
vergence is not reached, the bestMZAMS,new will be the one that gives the minimum value of
|Mp,new −M |/M (it could also be the originalMZAMS,old).
For stars with a core, SEVN looks for the bestMZAMS,new matching the mass of the inner-
most coreMc (He-core for stellar phases 2, 3, 4 and CO-core for phases 5, 6). For this pur-
pose, we make use of the bisection method in the ZAMS mass range [max(Mc,MZAMS,min),
MZAMS,max], where MZAMS,min and MZAMS,max represent the boundaries of the ZAMS
mass range covered by the stellar tables. SEVN iterates the bisection method until condtion
4.11 is fulfilled considering the core masses. If the convergence is not reached within 10 steps,
SEVN halts the iteration and the bestMZAMS,new is the one that gives the best match to the
core mass.
Finally, the star jumps to the new interpolating track with ZAMS massMZAMS,new. SEVN
updates the four interpolating tracks and synchronises all the stellar properties with the values
of the new interpolating track. The only exceptions are the mass properties (mass, He-core
mass, CO-core mass). If the track-findingmethods do not converge, the change of trackmight
introduce discontinuities in these properties. To avoid this problem, SEVN evolves the stellar
mass and mass of the core using

Mt1 =Mt0(1 + δm) (4.12)

where δm = (mt1 −mt0)/mt0 . HereMt1 andMt0 are the masses of the stars, or of the cores,
estimated at time t1 and t0, whilemt1 andmt0 are the masses obtained from the interpolating
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tracks at time t1 and t0 (see 4.2.1). Figure 4.3 summarises the algorithm SEVN uses to check
and handle a change of track [27].
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5
Evolution across cosmic time

In Chapter 4 we have seen how to obtain catalogs of binary and single stellar populations, by
means of population synthesis codes like SEVN. From them, through proper data analysis,
we can obtain a variety of information on systems of our interest, in our case on PISNe and
PPISNe.
Thanks to this data we are also able to reconstruct andmodel the cosmic evolution of this kind
of systems, reaching one of the goals of our work. In particular we can find out the cosmic evo-
lution of PISN and PPISN rate density, learning howmuch of these events were produced dur-
ing the Universe history. With such information we can understand how much pair-creation
instability processes were common at high redshift (z) for stars formed in cosmological epoch.
The approach we used to obtain the PISN and PPISN event rate density consists in interfacing
the catalogs, obtained from population synthesis, with data-driven prescriptions for the cos-
mic evolution of star formation rate (SFR) and metallicity. For this reason we dedicate part of
this chapter to the description of these concepts, before describing the code implementation
to obtain the event rates.

5.1 Cosmic star formation rate

Deriving the history of star formation in galaxies essentially involves inferring mass from light.
We observe the emission from galaxies at various wavelengths, and from those measurements,
we try to infer the rates at which galaxies are forming stars. Virtually all observational tracers of
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star formation measure the rate of massive star formation, because massive stars emit most of
the energy from a young stellar population. However, different observational tracers are sensi-
tive to different ranges of stellar masses; hence, they respond differently as a function of stellar
population age. For example, Hα emission arises primarily fromHII regions photoionized by
O-type stars with lifetimes shorter than 20Myr, whereas the UV continuum is produced by
stars with a broader mass range and with longer lifetimes. Newly formed stellar populations
emit radiation over a broad spectrum.
In general the wavelength regimes most used to perform conversion from luminosity to SFR,
and then SFR density (SFRD), are theUV and IR. Thanks to data provided by surveys at these
wavelengths, we obtain best-fit luminosity function parameters and with them compute the
luminosity density at the above-mentioned wavelengths. Multiplying the luminosity density
by properly defined conversion factor we can finally obtain measurements of the ”observed”
SFRD. We now show, more in detail, how from observations in UV and IR regimes we can
obtain a functional form for the star formation rate density ψ(z) following the review from
Madau &Dickinson (2014, [43]).

UV light

For an IMF like Salpeter’s one, low-mass stars dominate the mass integrated over the whole
stellar population, but at young ages, the luminosity is dominated by UV emission from mas-
sive stars. These stars have short lifetimes, so the UV emission fades quickly. Bolometrically, at
least half of the luminous energy that a simple stellar population produces over a 10Gyr cosmic
lifetime emerges in the first 100Myr, mostly in the UV,making this a natural wavelength from
which to infer SFRs.
For a galaxy forming stars at a constant rate, the 1500-Å luminosity stabilizes onceO stars start
to evolve off the main sequence. For solar metallicity, by an age of 107.5 years, the 1500-Å lu-
minosity has reached 75% of its asymptotic value, although convergence is somewhat slower at
lower metallicity. For these reasons, the far UV luminosity at wavelengths of∼ 1500Å (wave-
lengths from 1400Å to 1700Å have been used in the literature for both local and high redshift
studies) is regarded as a good tracer of the formation rate of massive stars.
Far what concerns the measurements at these wavelengths, it is accessible with ground-based
facilities for redshifts z ≳ 1.4, while measurements at lower redshifts require space-based UV
data or are limited to longerUVwavelengths. In literature alsomid-UVwavelengths (2300 and
2800 Å) have been used. The mid-UV emission from a galaxy can have a larger contribution
from longer-lived, lower-mass stars, particularly at later ages, and the time evolutionof the lumi-
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nosity is more gradual. This contribution becomemore andmore important after∼ 250Myr,
when the 1500-Å of simple stellar populations drops of sharply, while the 2800-Å luminosity
fades at an approximately exponential rate. This complicates the conversion from luminosity
to SFR as well as any correction for dust extinction. Still, for young ages, both shorter and
longer UVwavelengths usefully trace the SFR and have been used extensively in the literature.
The UV luminosity output by a stellar population also depends on its metallicity. Generally
speaking, less-metal-rich stars produce more UV light. The amplitude of this effect is not in-
significant and depends on the details of the star formation history (SFH). Because of this de-
pendence we expect significant evolution of the conversion factor, between luminosity and
SFR, as the global metallicity of galaxies evolves.
We express the conversion factor between the intrinsic FUV (far UV) specific luminosity Lν
and the SFR as

SFR = KFUV × Lν(FUV ), (5.1)

whereLν(FUV ) is in units of erg s−1Hz−1 and SFR in units ofM⊙ yr
−1. The precise value

of the conversion factorKFUV is sensitive to the recent SFH and metal-enrichment history as
well as to the choice of IMF.
The greatest inconvenience for UV measurements of star formation is the obscuring effect of
dust. Extinction is strong in theUV, so evenmodest amounts of dust can dramatically suppress
the emerging UV flux. Dust re-emits the absorbed energy in the IR, so a reliable measurement
of SFRs from UV light must either correct for the effects of dust absorption or measure the
absorbed energy directly through IR emission.

IR light

The energy that dust absorbs from the UV is re-radiated at mid-IR (MIR) and far-IR (FIR)
wavelengths,making IRobservations another important tool formeasuring SFRs. The total IR
luminosity (LIR, usually defined as being integrated over thewavelength range 8−1000µm) is
a measurement of the energy that was absorbed by dust mainly at UVwavelengths. Since most
UV emission comes from star formation, the IR luminosity is often interpreted as being di-
rectly proportional to the absorbed fraction of the energy from star formation. However there
are some processes in galaxies that can bring to IR emission in a non star-forming environment.
For example active galactic nuclei (AGNs) can also produce strongUV emission, often in dusty
environments, and may contribute to IR emission by heating dust in the clouds surrounding
the AGN. Moreover older stellar populations can heat dust in the interstellar medium con-
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tributing to FIR emission. This effect is mostly relevant for mature galaxies with low current
SFR. However, for very actively star-forming galaxies without AGN, it is generally assumed
that most of the IR emission arises from new star formation.
Arising from various components heated to different temperatures, the spectrum of dust emis-
sion is fairly complex and variation in dust emission fromgalaxy to galaxy can lead to significant
uncertainties in the estimation of SFRs.
MIR and FIRobservations require space-based telescopes, but at submillimeter andmillimeter
wavelengths, observations can be made from the ground within certain atmospheric transmis-
sion windows. In analogy with 5.1, we express the conversion from IR luminosity (LIR) to
ongoing SFR as

SFRIR = KIR × LIR (5.2)

whereLIR is the IR luminosity integrated over thewavelength range from 8 to 1000µm. Here,
it is assumed that the IR emission is entirely due to recent star formation, but in practice, AGN
and older stars can contribute to dust heating. Furthermore, if the net dust opacity to young
star-forming regions in a galaxy is not large and if a significant amount ofUV radiation emerges,
then the SFR derived from the IR luminosity will represent only a fraction of the total. Hence,
we write SFR IR in Eq. 5.2 to indicate that this is only the dust-obscured component of the
SFR. Since the dust luminosity is primarily reprocessed UV emission from young star forma-
tion, the conversion factorKIR also depends on the details of the SFH and on metallicity.
Forwhat before-mentionedwe sum the SFRs derived from the observed IR andUV luminosity
densities, the latter uncorrected for extinction obtaining

SFRtot = KFUV LFUV +KIRLIR (5.3)

whereLFUV in the observed FUV luminosity at 1500Åwith no correction for extinction and
the definition ofKFUV here is, of course, different from the one in Eq. 5.1 since here the UV
luminosity is not per unit frequency (LFUV = νLν).
So the best way to account for the effect of dust attenuation is to directly measure the energy
emitted at both UV and IR wavelengths, i.e., both the luminosity that escapes the galaxy di-
rectly and that which is absorbed and reradiated by dust.
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Figure 5.1: The history of cosmic star formation from (a) FUV, (b) IR, and (c) FUV+IR measurements. The solid curve in the
three panels plots the best‐fit SFR density in Eq. 5.5. Taken from Madau & Dickinson (2014, [43]).

Star formation rate density

As briefly illustrated at the beginning of the chapter, Madau et al. (1996, 1998 [44][45]) and
Lilly et al. (1996, [46]) developed a method where data from galaxy surveys were used to infer
the SFRD ψ(t) directly.
The only surveys included in the review by Madau & Dickinson (2014, [43]) are those that
measured SFRs from FUV or MIR and FIR measurements. All the surveys used here provide
best-fit luminosity function parameters – generally Schechter functions for the UV data, but
other functions for the IR measurements. These allowed them to integrate the luminosity
function down to the relative limiting luminosity in units of the characteristic luminosity L∗.
Adopting an integration limit Lmin = 0.03L∗ when computing the luminosity densities, is
possible to find, for the Schechter function

ρFUV (z) =

∫ ∞

0.03L∗

Lϕ(L, z)dL = Γ(2 + α, 0.03)ϕ∗L∗. (5.4)

Here α denotes the slope of the Schechter parametrization, Γ is the incomplete gamma func-
tion and ϕ∗ is the normalization of the Schechter luminosity function. Multiplying the in-
tegrated FUV and IR comoving luminosity densities by the conversion factors KFUV and
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KIR, we obtain measurements of the “observed” UV and IR SFRDs. Madau & Dickinson
(2014, [43]) estimated the conversions factors to beKFUV = 2.5 × 10−10M⊙ yr

−1L−1
⊙ and

KIR = 1.73× 10−10M⊙ yr
−1L−1

⊙ valid for a Salpeter IMF.
From these prescriptions we can finally find the best-fitting function for SFRD

ψ(z) = 0.015
(1 + z)2.7

1 + [(1 + z)/2.9]5.6
M⊙ yr

−1Mpc−3 (5.5)

that can also be visualized in Figure 5.1.

5.2 Metallicity evolution

Understanding themetallicity evolution through cosmic time is essential when tracing the evo-
lution of whatever process in cosmological epochs. For this reason, in order to learn how the
PISN and PPISN event rate varies with redshift, we first need to understand how metallicity
varies with redshift.
To reach this goal is necessary to know the chemical properties for high-redshift galaxies. Think-
ing to extract these properties directly from the faint starlight emitted by star-forming galaxies
at high redshift is extremely difficult. For this reason is better to focus for example on proto-
galactic gas detected in absorption against bright background quasars.
The high-redshift Universe is occupied by populations of objects spanning a wide range of
metallicities going from [Z/H]≈ 0 (e.g. quasars) to [Z/H] = 3 like diffuse large-scale configu-
rations such as the Ly-α forest clouds. Systems with a mean metal abundance that lie between
these two extremes are the damped Ly-α absorption systems (DLAs). A lot of studies used
these systems to reconstruct the metallicity history of the Universe, e.g. Prochaska et al.(2003,
[47]); Kulkarni et al. (2007, [48]); Rafelski et al. (2012, [49]); De Cia et al. (2018, [50]).
The DLAs are very useful for several reasons. First, since they are detected in absorption, they
are unbiassed with respect to luminosity and presumably mass. Second, in contrast to all other
classes of quasar absorption systems, the gas in DLAs is mainly neutral. In fact, DLAs dom-
inate the neutral-gas content of the Universe out to z ∼ 5 and exhibit properties indicating
that they are neutral-gas reservoirs for star formation at high redshift. Moreover, the large op-
tical depth at the Lyman limit of the neutral gas in DLAs (typically τLL ≈ 104) eliminates the
need for uncertain ionization corrections to deduce themetal abundances [49]. In other words
since DLAs trace gas-rich galaxies out to high redshift, and regardless of their luminosity, they
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provide an attractive way of measuring the evolution of the metallicity of the neutral gas with
cosmic time.
In order to get a more precise estimate of the evolution of metallicity with redshift dust cor-
rections are needed. In fact the higher the condensation temperature of a metal, the lower its
abundance that we can measure in the gas-phase. It became soon evident that large fractions
of the refractory metals were missing from the observed gas-phase, because they were instead
locked into dust grains. This phenomenon is called dust depletion.
De Cia et al. (2018, [50]), that took into account dust depletion in their work, applied the
dust correction to as many DLA abundances as available in the literature, with sufficient rela-
tive abundances measurements to derive a sensible dust-correction and with redshift between
0 and 5. They found the behaviour of [Fe/H] with respect to z. Here they chose [Fe/H] as
a reference for metallicity essentially because Fe is among the metals that are most easily mea-
sured, and therefore most widely available.
The best fit to the data is the linear fit [Fe/H]= A + B × z, whereA = −0.18 ± 0.21 and
B = −0.24 ± 0.14. The quoted uncertainties on both A and B are at 1σ, assuming that
the observational values follow a Gaussian distribution. From here is possible to see that the
metallicities decreases with redshift and De Cia et al. (2018, [50]) did not find evidence for a
steepening of the evolution of metallicity at high z, even if more measurements are needed to
draw solid conclusions on the high-redshift regime.

5.3 Cosmorate

Now that we have outlined the star formation rate density and the metallicity evolution, we
can describe how the knowledge of this properties allows us the obtain event rate densities for
pair instability processes and, more in general, for a whatever process we are taking into exam,
e.g. the merger rate density of binary compact objects.
As stated at the beginning of the chapter, this further step is feasible interfacing catalogs ob-
tained from population synthesis, in our case from SEVN, with data-driven prescriptions for
the evolution of the SFRD and metallicity. This is effectively implemented by means of the
semi-analytic code COSMORATE by Santoliquido et al. (2020, [51]; 2021, [52]) that is com-
putationally optimised to extensively probe the parameter space.
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What COSMORATE does, consist essentially in evaluating the following equation

R(z) =
d

dtlb(z)

[∫ z

zmaz

ψ(z′)
dtlb(z

′)

dz′
dz′

∫ Zmax

Zmin

η(Z)F(z′, z, Z) dZ

]
. (5.6)

This integral gives us the variation of the event rate density of a process with the redshift, if we
feed the code with catalogs regarding the process we are interested in. As above-mentioned it
can be used to provide PISN, PPISN or even merger rate density evolution of binary compact
objects, if we implement this catalogs. Moreover the evaluation of merger rate density is the
usage for which COSMORATE was initially meant by Santoliquido et al. (2020, [51]).
In Eq. 5.6 tlb(z) is the look-back time at redshift z, Zmin and Zmax are the minimum and
maximummetallicity we are using, ψ(z′) is the cosmic SFRD at redshift z′,F(z′, z, Z) is the
fractionof systemsundergoingPISN/PPISNthat format redshiftz′ fromstarswithmetallicity
Z and exploding at redshift z. η(Z) is the PISN/PPISN efficiency, namely the ratio between
the total numberNTOT (Z) of systems exploding within an Hubble time and the total initial
massM∗(Z) of the simulation with metallicityZ:

η(Z) = fbin fIMF
NTOT (Z)

M∗(Z)
(5.7)

wherefbin is the binary fraction, andfIMF is a correction factor that takes into account account
that only starswithmass higher then a certain threshold are simulated. This parameter depends
on the threshold andon the IMF.For example, in a simulationof apopulationof stars following
a Kroupa IMF with mass higher the 5M⊙ and mass exponent α = 2.3we have fIMF = 2.85.
For what concerns the SFRD, we use the one described byMadau & Fragos (2017, [53]):

ψ(z) = 0.01
(1 + z)2.7

1 + [(1 + z)/3.2]6.2
M⊙ yr−1 Mpc−3. (5.8)

This is an updated version of Eq. 5.5 that better reproduces a number of recent 4 ≲ z ≲ 10

results. Moreover the normalization factor has been multiplied by 0.66 to convert SFRs from
a Salpeter initial mass function to a Kroupa IMF [53].
In the function F(z′, z, Z) is involved the average metallicity evolution that we have treated
in section 5.2. In COSMORATE this quantity is implemented through the fitting formula
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found by De Cia et al. (2018, [50]):

µ(z) = log

(
Z(z)

Z⊙

)
= log a+ b z (5.9)

where the slope b is the same as in the previous section b = −0.24±0.14, while the intercept is
different being a = 1.04±0.14. This update has been performed by Santoliquido et. al (2020,
[51]) since the original fit yields a metallicityZ(z = 0) = 0.66Z⊙ , which is low compared to
the average stellar metallicity measured at redshift zero. Hence, the equation has been rescaled
to yield Z(z = 0) = (1.04 ± 0.14)Z⊙, where Z⊙ = 0.019, consistent with the average
metallicity of galaxies at z ∼ 0 from the Sloan Digital Sky Survey.
In COSMORATE the distribution of stellar metallicities log(Z/Z⊙), at a given redshift, is
modelled as a normal distributionwithmean valueµ(z), fromEq. 5.9, and standard deviation
σZ = 0.20 dex as our fiducial value:

p(z′, Z) =
1√
2πσ2

Z

exp

{
− [log(Z/Z⊙ − µ(z′)]2

2σ2
Z

}
. (5.10)

The fractionof systemsundergoingPISN/PPISNthat format redshift z′ from starswithmetal-
licityZ and merge at redshift z is thus given by

F(z′, z, Z) =
N (z′, z, Z)

NTOT (Z)
p(z′, Z) (5.11)

whereN (z′, z, Z) is the total number of systems undergoing PISN/PPISN at redshift z and
form from stars with metallicityZ at redshift z′.
F(z′, z, Z) and η(Z) are the functions in which enter the information from population syn-
thesis catalogs that we use as input. The mandatory parameters of input are the total initial
mass of the simulation (entering in η(Z)) and the delay times (time elapsed from the birth of
the system to its explosion) of each system in the catalog. Then there are other non-mandatory
quantities that is possible to include as input, e.g. the initial masses.
Another feature ofCOSMORATEconsist in the fact that it can sample the input data to create
catalogs of specific systems – e.g. systems that undergo PISNe or PPISNe – at a given redshift.
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6
Simulations and results

In this chapter we present the methods used and the results obtained from the simulations we
performed.
As already discussed in Chapters 4 and 5, we used SEVN to simulate the evolution of binary
and single populations of stars, investigating pair-creation instability processes. Then bymeans
of COSMORATE, we evaluated PISNe and PPISNe rate density evolution with z.
We performed simulations to explore the dependence of pair instability occurrence on different
parameters, e.g. metallicity and IMF. In particular we worked with several populations of sys-
tems, each of themwith differentmetallicity. These samples correspond to just as many SEVN
initial conditions (ICs). From themwe therefore obtained the catalogs to feedCOSMORATE.
Furthermore, we analysed data from previous SEVN runs, simulating Pop. III stars, by Costa
et al. (2023, [54]).

6.1 First sample

6.1.1 SEVN simulations

The initial conditions for the SEVN sample were generated by means of the python module
IC4popsyn fromGiacobbo (2021, [55]). This module is specifically developed to generate ini-
tial conditions for SEVN. These consist of an input file in which each line contains the initial
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Z PISN rate SSE (%) PPISN rate SSE (%) PISN rate BSE (%) PPISN rate BSE (%)
10−11 0.53 3.43 0.91 3.42

10−6 0.61 1.98 1.11 2.53

10−4 0.57 4.32 1.11 4.83

2× 10−4 0.27 4.61 0.85 5.32

4× 10−4 0.00 4.87 0.64 5.97

5× 10−4 0.00 4.86 0.64 5.96

6× 10−4 0.00 4.85 0.57 5.81

8× 10−4 0.00 4.84 0.80 5.72

10−3 0.09 4.73 1.06 5.16

2× 10−3 0.98 3.14 2.20 3.17

4× 10−3 0.96 3.69 2.76 3.76

5× 10−3 0.81 3.80 2.44 4.31

8× 10−3 0.09 4.09 1.40 5.79

10−2 0.00 3.50 0.71 6.03

1.4× 10−2 0.00 1.29 0.12 3.71

1.7× 10−2 0.00 0.04 0.00 1.64

Table 6.1: PISN and PPISN rates per each metallicity with respect to the total number of supernovae for single and binary
evolution

parameters of a unique system. For single stars the parameters are ZAMS mass, metallicity,
stellar spin, supernova model, age of the star at the beginning of the simulation, age at which
the simulation is stopped and the times at which the output is stored. For binary systems we
have the above-mentioned parameters for both stars, in addition to initial eccentricity and semi-
major axis.
With IC4popsyn input files can be created according to two possible models: one based on the
calculations by Sana et al. (2012, [24]) and the other, still based on Sana et al. (2012, [24]), but
with the eccentricities computed following Eq. 3 in Moe & Di Stefano (2017, [56]). Among
them we used the second one.
Therefore we generated 106 binary systems with a primary mass between 5M⊙ and 150M⊙

following a Kroupa initial mass function. The slope of the broken power-law of the IMF was
set to α = 2.3. Moreover the secondary mass is always higher than 2.2M⊙, while the stellar
spin and the supernova model were set respectively to zero and delayed – see Section 4.2.
From this ICs for binary systems we have generated 2× 106 ICs for single stellar systems using
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Figure 6.1: PISN and PPISN rates variation with metallicity for binary and single stellar systems. Here the metallicty axis is
in logarithmic scale to highlight the behaviour at low metallicity.

the sameZAMSmasses of the binaries. In this way is easier tomake direct comparison between
the outcomes of the two cases.
For both binaries and single stars, we explored a wide range of metallicities, going from the
most metal poor case to quasi-solar metallicity (Z = 10−11, 10−6, 10−4, 2× 10−4, 4× 10−4,

5×10−4, 6×10−4, 8×10−4, 10−3, 2×10−3, 4×10−3, 5×10−3, 8×10−3, 10−2, 1.4×10−2,

1.7 × 10−2). We set Z as a runtime option, evolving for each metallicity all the 106 binaries
and 2×106 single stars. We performed the evolution for all the systems from the ZAMS to the
end of stars life.
Analysing the data provided by SEVN for each metallicity, we were able to calculate the rates
of occurrence of PISNe and PPISNe. These are reported in Table 6.1, where we show the rates,
for binaries and single stars, with respect the total number of supernovae. Moreover the be-
haviour of PISN and PPISN rates with respect to metallicity are shown in Figure 6.1.
The PISN rate reaches a peak in correspondence ofZ ∼ 10−3−10−2, while in the same range
of metallicities PPISNe are a little depleted. Anyway PPISNe are always more frequent with
respect to PISNe. This can be easily explained from the lower mass range required for PPISN
events and the shape of Kroupa IMF, that favor lowmass stars. In all the cases very high metal-
licities correspond to a strong reduction on PISN and PPISN occurrence. In fact, we expect
pair instability processes to happen in verymassive, metal-poor stars as already discussed in Sec-
tion 2.1.
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Figure 6.2: Rates of PISN and PPISN occurred after merger with respect to the total number of PISN and PPISN. We also
display the total merger rate evolution with respect to metallicity.

The most important feature that we can extrapolate from the plots is that rates for binary sys-
tems are higher than single stars, at all metallicities. This is a confirmation of what discussed in
Chapter 3 about the strong influence of binary processes on stellar evolutionary path. In par-
ticular in ourworkwe focused on stellarmerger events. Therefore among all the evolved binary
systems we selected those undergoing pair-creation instability after a merger event. The rates
of PISN/PPISN occurred after a merger with respect to the total number of PISN/PPISN, at
each metallicity, are shown in Figure 6.2. Here is also reported the total merger rate with re-
spect the total number of binaries.
From Figure 6.2 is clear that mergers have an essential role for PPISNe and – even more – for
PISNe, in particular at highest metallicities. Indeed, at these metallicities 100% – or nearly –
of PISNe occur after a merger. This can be explained from the fact that stars produced by a
merger are highly more massive than the two progenitor stars singularly. Therefore it is more
likely that this star is in the PISNe or PPISNe mass range. Furthermore, looking at the total
merger rate in the plot, we see that, on average, it increases withZ , reaching also peaks of about
50%. This might suggest that also the intrinsic increase of merger events, at highZ , could be a
cause of the higher rate of pair-creation instability after mergers.
On the other hand, at lower metallicities mergers seem to be less relevant. In Figure 6.3 are
represented the rates of PISNe and PPSINe in binaries where no previous merger event oc-
curred. In this way we disentangle the rates from the dependence on mergers. Here we can
notice that the amount of supernovae occurring without a previous merger are higher at lower
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Figure 6.3: Rates of PISNe and PPISNe in binary systems that have not experienced a merger before the supernova.

metallicity. This again reinforces the idea that metal-poor environments favor pair-instability
processes. Indeed, as discussed in Chapter 2, at highmetallicity stellar winds are more efficient.
Therefore, in this context, stellar mergers are essential to form very massive stars that are the
progenitors of PISNe and PPISNe. In other words, at very low metallicity more stars can pro-
duce a pair-creation instability without the need of merging with their companions. At very
high metallicity instead, binary mergers seems to be an unavoidable condition to have PPISN
and even more PISN.

6.1.2 COSMORATE runs

Based on the data analysis of SEVNoutput, we produced ICs suitable forCOSMORATE– see
Chapter 5. Therefore we created input files considering the total amount of PISNe/PPISNe
found. In addition to this, we split-up ICs for binaries, creating input files collecting specific
events, e.g. PISNe/PPISNe occurring after or before a merger. In this way we were able, not
only to analyse the evolution with z of the rate density of the total number of supernovae, but
also of more specific events involving a merger in the system.
The input files, as alreadymentioned in Chapter 5, contain the total stellar mass simulated and
the delay time of each system as mandatory parameter. Then there are other non-mandatory
parameters that, in our case, depend on the events we are considering. In particular for the case
of supernovae occurring after a merger, we added the ZAMS mass of the two components of
the binary, the mass of the star born from the merger and the pre-supernova mass. Instead, if
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Figure 6.4: Event rate density evolution with redshift for all the PISNe and PPISNe, for single and binary stellar populations
reported as SSP and BSP respectively. The solid line is the median value of the distribution of rate density produced by
observational uncertainties on SFRD and metallicity evolution. The blue area represents the 95% credible interval of the
rate density distribution.

there were no merger involved, i.e. for single stellar systems or if the supernova occurs before a
merger, we only added the ZAMS mass and the pre-supernova mass of the star. These param-
eters, as we are going to see, are used by the code to produce catalogs of PISNe and PPISNe at
selected redshifts.
We ran COSMORATE for each set of ICs above-mentioned following Eq. 5.6 for the calcu-
lation of the event rate density. Moreover all the quantities here involved are those described
in Section 5.3. In particular we performed 103 realisation of Eq. 5.6 per each IC. In each real-
isation, we randomly drew the normalisation value of the SFRD (Eq. 5.5), and the intercept
and the slope of the average metallicity (Eq. 5.9) from three Gaussian distributions with mean
(standard deviation) equal to logψ(0) = −2 (σlogψ = 0.2), a = 1.04 (σa = 0.14) and
b = −0.24 (σb = 0.14) respectively. For simplicity, the value of the intercept and that of the
slope are drawn separately, assuming no correlation.
Figure 6.4 shows the result of the calculation of the event rate density (R) considering all the
PISNe and PPISNe found. Here we can see how the uncertainties on SFRD and metallicity
evolution strongly impact on the uncertainties of the event rate density. In fact the 95% credi-
ble interval (C.I.), covers several orders of magnitude.
From Figure 6.4 we notice that the maximum of rate density is reached around z ∼ 2. This
can be easily understood looking at the SFRDplot in Figure 5.1. Star formation in fact reached
a maximum around z = 2 and for this reason the majority of PISNe/PPISNe events prob-
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Figure 6.5: Rate density evolution of PISNe and PPISNe occurred after a binary merger and, before a merger for PPISNe and
with no merger for PISNe. The solid line is the median value of the distribution of rate density produced by observational
uncertainties on SFRD and metallicity evolution. The blue area represents the 95% confident interval of the rate density
distribution.

ably occurred in this epoch. The rate density then decreases both at higher and lower red-
shift. In particular at z ∼ 0 – present time – the PISN rate density reaches the value of
R ∼ 102Gpc−3yr−1, while for PPISNe is around an order of magnitude higher. The de-
crease toward higher z is instead substantially slower than at lower redshift.
For completeness we also show in Figure 6.5 the density rates of PISNe and PPISNe occurred
after a binarymerger and, before amerger for PPISNe andwith nomerger for PISNe. Wemake
this distinction between PPISNe and PISNe since the latter lead to the disruption of the star
and no merger is anymore possible.
From the plots we see that rate densities for events not involving a previous merger are much
lower with respect their counterpart. This trend hold at every redshift and is expected from
what above-mentioned about mergers impact on pair instability events.

COSMORATE catalogs

For all the performed COSMORATE runs, we created catalogs containing the characteristics
of stellar populations undergoing PISNe or PPISNe at a certain redshift. For instance in Figure
6.6 are shown the ZAMSmasses of stars in SSP exploding as PISNe or PPISNe at six different
redshifts (z = 0.1, 1.0, 2.0, 4.0, 6.0, 10.0). At higher redshift the mass distributions for
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Figure 6.6: Initial mass distribution of single stars that undergo PISNe or PPISNe at z = 0.1, 1.0, 2.0, 4.0, 6.0, 10.0.

PISNe and PPISNe are sharply separated: forMZAMS ≳ 120M⊙ we have quite exclusively
PISNe, while for 60M⊙ ≲ MZAMS ≲ 120M⊙ only PPISNe can occur. At lower redshift
instead, we have PPISNe occurrence also at higher masses even if PISNe remain themost prob-
able channel.

Figure 6.7: Initial mass distribution of primary stars in binary systems that undergo PISNe or PPISNe after a stellar merger at
z = 0.1, 1.0, 2.0, 4.0, 6.0, 10.0.

Binary evolution can change a lot the picture with respect to single stellar evolution. In Fig-
ure 6.7 we show the distributions of ZAMS mass of the primary star in binary systems where
PISNe or PPISNe occurred after a merger. The masses here are more widely distributed with
respect to the previous case, reaching values even lower than 40M⊙. Such low masses would
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not be sufficient for a single star to explode as PISN or PPISN. This shows that, even if two
companions of a binary system are not sufficientlymassive to undergo PISN/PPISN singularly,
a merger could allow the formation of a new star able to experience pair-creation instability be-
cause of its largemass. Indeed stellarmergers can create verymassive stars. This is clearly shown
in Figure 6.8. Here we report the distributions of masses of newly born stars immediately after
merger, but selecting only the cases where these stars then undergo PISNe or PPISNe.

Figure 6.8: Initial mass distribution of stars formed after a binary merger at z = 0.1, 1.0, 2.0, 4.0, 6.0, 10.0. These
distributions were found selecting exclusively systems in which a PISN or PPISN occurs after the merger.

From the plots we notice that the upper limit mass, in both the cases of PISNe and PPISNe,
extends beyond the 200M⊙, especially at higher redshift. This of course contributes in the
formation of an helium core sufficiently massive to undergo pair instability.

6.2 Population III stars

Population III stars, born from the primordial gas in the Universe, lose a negligible fraction of
their mass via stellar winds and possibly follow a top-heavy mass function. Hence, they have
often been regarded as the ideal progenitors of PISNe and PPISNe. For these reasons we stud-
ied the occurrences of pair instability events for this kind of stars.
Therefore we analysed the output data from the SEVN runs by Costa et al. (2023, [54]). For
this work they assumed ametallicity for Pop. III stars ofZ = 10−11 and implemented all their
characteristic features in the SEVN code. Indeed Pop. III stars have a very typical behaviour.
For instance during the early MS, Pop. III stars cannot ignite the CNO cycle because of the
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initial lack of carbon, nitrogen and oxygen. Pop. III stars need very high central temperatures
to reach pressure support just with the energy provided by the proton-proton (pp) chain. De-
pending on the stellar mass, the central temperature becomes so high that some carbon could
be synthesized from the triple-α reaction (i.e., helium burning), even in theMS. This leads the
CNO cycle to ignite and suddenly replace the pp chain as the main source of energy of the star
[57][58]. Moreover, due to the high central temperatures reached at the end of the MS, Pop.
III stars have a smoother transition to the core helium burning phase with respect to more
metal-rich stars.
Costa et al. (2023, [54]) simulated Pop. III binary systems evolving them until advanced evo-
lutionary phases. The ZAMSmass,MZAMS , ranges from 2 to 600M⊙.

6.2.1 Binary initial conditions

We now describe the SEVN initial conditions used by Costa et al. (2023, [54]) for computing
binary-population catalogs.

Initial mass function

There is still no consensus about the IMF of Pop. III stars, although it should be rather top-
heavy with respect to that of local stars. The sets of possible IMFs adopted are the following.

• A flat-in-log distribution:
ξ(MZAMS) ∝M−1

ZAMS. (6.1)

• A Kroupa (2001, [59]) IMF (hereafter, K01):

ξ(MZAMS) ∝M−2.3
ZAMS. (6.2)

With respect to the original K01, which has a flatter slope forMZAMS < 0.5M⊙, here
is assumed a single slope because are not generated ZAMS masses < 5M⊙ from this
distribution.

• A Larson (1998, [60]) distribution (hereafter, L98):

ξ(MZAMS) ∝M−2.35
ZAMSe

−Mcut1/MZAMS , (6.3)

whereMcut1 = 20M⊙.
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• A top-heavy distribution:

ξ(MZAMS) ∝M−0.17
ZAMSe

−M2
cut2/M

2
ZAMS , (6.4)

whereMcut2 = 20M⊙

• The distribution derived by Park et al. (2023, [61]), hereafter P23, based on hydro-
dynamical simulations of Pop. III star formation.

ξ(MZAMS) ∝M0.62
ZAMSe

−M2
ZAMS/M

2
cut3 , (6.5)

whereMcut3 = 188M⊙.

Mass ratio and secondary mass

The ZAMSmass of the secondary star (MZAMS,2) is drawn according to three different distri-
butions.

• The distribution of the mass ratio q from Sana et al. (2012, [24]), hereafter S12:

ξ(q) ∝ q−0.1, (6.6)

with q ∈ [0.1, 1] andMZAMS,2 ≥ 2.2M⊙.

• In the sorted distribution, the ZAMS mass of the entire star population is drawn from
the same IMF, and then two stars from this distribution are randomly paired, imposing
thatMZAMS,2 ≤MZAMS,1. In thismodel, theminimummass of the secondary is equal
to that of the primary (5M⊙) by construction.

• The mass ratio distribution by Stacy & Bromm (2013, [62]), hereafter SB13:

ξ(q) ∝ q−0.55, (6.7)

with q ∈ [0.1, 1] andMZAMS,2 ≥ 2.2M⊙. This distribution was obtained from a fit
to Pop. III stars formed in cosmological simulations.

The final mass ratio distribution also depends on the mass distribution of the primary star.
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Orbital period

Two different distributions are used for the initial orbital period (P ).

• The distribution derived by S12 for O and B type stars in the local Universe:

ξ(Π) ∝ Π−0.55 (6.8)

withΠ = log(P/day) ∈ [0.15, 5.5].

• The period distribution found by SB13:

ξ(Π) ∝ exp
[
− (Π− µ)2 /

(
2σ2

)]
. (6.9)

This is a Gaussian distribution with µ = 5.5, and σ = 0.85, favouring long periods
with respect to the S12 distribution.

Eccentricity

Also orbital eccentricity is drawn according to two distributions.

• The distribution obtained by S12:

ξ(e) ∝ e−0.42 (6.10)

with e ∈ [0, 1).

• The thermal distribution, adopted for Pop. III binaries by e.g. Kinugawa et al. (2014,
[63]); Hartwig et al. (2016, [64]); Tanikawa et al. (2021, [65]):

ξ(e) ∝ e (6.11)

with e ∈ [0, 1). This eccentricity distribution favours highly eccentric systems, at vari-
ancewithEq. 6.10. Recent hydro-dynamical simulations (Park et al., 2023, [61]) suggest
that Pop. III binary stars formpreferentially with high orbital eccentricity, favouring the
distribution in Eq. 6.11 with respect to Eq. 6.10.
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Model MZAMS,1 MZAMS Mass ratio q Period P Eccentricity e N [×107] Total mass [×109M⊙]

LOG1 Flat in log – S12 S12 S12 1.45 2.59

LOG2 Flat in log – S12 SB13 Thermal 1.45 2.58

LOG3 – Flat in log Sorted S12 S12 1.38 3.19

LOG4 Flat in log – SB13 S12 Thermal 1.53 2.60

LOG5 Flat in log – SB13 SB13 Thermal 1.53 2.60

KRO1 K01 – S12 S12 S12 5.23 (2.00†) 1.35 (0.89†)
KRO5 K01 – SB13 SB13 Thermal 6.11 (2.00†) 1.52 (0.93†)
LAR1 L98 – S12 S12 S12 2.00 1.20

LAR5 L98 – SB13 SB13 Thermal 2.27 (2.00†) 1.30 (1.24†)
TOP1 Top heavy – S12 S12 S12 1.05 4.16

TOP5 Top heavy – SB13 SB13 Thermal 1.07 4.03

PAR1 P23 – S12 S12 S12 1.05 2.35

PAR5 P23 – SB13 SB13 Thermal 1.06 2.28

Table 6.2: Column 1 reports the model name. Columns 2 describes how we generate the ZAMS mass of the primary star
(i.e., the most massive of the two members of the binary system). Column 3 describes how we generate the ZAMS mass
of the overall stellar population (without differentiating between primary and secondary stars). We follow this procedure
only for model LOG3. Columns 4, 5 and 6 specify the distributions we used to generate the mass ratios, the orbital periods
and the orbital eccentricity. The last two columns report the total number and the total mass of the of simulated binaries,
respectively. †The ICs for such models are under‐sampled, the actual number of simulated systems and their total mass is
reported in parentheses.

Input catalogs

Costa et al. (2023, [54]) built 13 SEVN input catalogs by varying the aforementioned distri-
butions of the IMF, q, P , and e. For each of these catalogs they considered the metallicity
Z = 10−11. They set the total number of generated binaries to obtain 107 binaries in the
high-mass regime (MZAMS,2 ≥ 10M⊙, andMZAMS,1 ≥ 10M⊙ by construction). For the
models that draw the primary mass from K01 and L98, they limited the total number of gen-
erated binaries to 2 × 107 (consisting of 107 binaries in the high and low-mass range, respec-
tively). As a consequence, the low-mass regime (MZAMS,2 ≤ 10M⊙) is under-sampled by a
factor of∼ 4− 5 for K01 and≲ 1.2 for L98. We take into account the incomplete sampling
of the initial conditions by performing an a posteriori oversampling of the simulated binaries
withMZAMS,2 ≤ 10M⊙. This ensures a good sampling of the high-mass regime and reduces
stochastic fluctuations.
Table 6.2 lists the properties of our input catalogs. We label our input catalogs by taking the
IMF name and adding a number that indicates the distribution of mass ratios, periods, and
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eccentricities. Therefore, the LOG, KRO, LAR, TOP and PAR catalogs adopt the flat-in-log,
K01, L98, top-heavy, and P23 IMF, respectively.
In all our models but LOG3 (Table 6.2), the ZAMS mass of the primary starMZAMS,1 is ran-
domly sampled in the range [5, 550]M⊙, according to one of the five aforementioned distribu-
tions. The ZAMS mass of the secondary star (MZAMS,2) is then sampled based on the mass
ratio distributions above-mentioned. The secondary mass can be as low as 2.2M⊙.
In model LOG3, instead the entire IMF is sampled in the rangeMZAMS ∈ [5, 550]M⊙, ac-
cording to the LOG distribution. The generated stellar masses are then randomly paired. The
primary (secondary) star is thus the component with the higher (lower) initial mass.

6.2.2 Results

SEVN results

In Table 6.3 we report the results of the data analysis performed on the SEVN output. In the
first column are reported all the models mentioned in Table 6.2, while in the second and third
column we show PISNe and PPISNe rates. We notice that the values for KRO and LAR cata-
logs are substantially lower with respect to the TOP and PAR. Indeed the former are based on
IMFs that favor low mass stars, in contrast to the latter. The flat-in-log distribution is instead
in between these two regimes.Furthermore the differences arising within each model, with the
same IMF, come from the different combination of models adopted for q, P and e.
Another consequence of the different IMFs adopted is the different occurrence of PISNe with
respect to PPISNe for each model. In particular if the IMF favor more massive stars we regis-
ter an higher rate of PISNe while, in the opposite cases, PPISNe are more numerous (as seen
also in Section 6.1, where indeed stars follow a Kroupa IMF). In this case LOGmodel register
analogous occurrences for PISNe and PPISNe.
Analogously to what done in Section 6.1, we evaluate the impact of mergers on the occurrence
of pair-creation instability events. For this reason we report, in columns 4 and 5 of Table 6.3,
the rates of PISNe and PPISNe occurring after a merger with respect to the total number of
PISNe and PPISNe. Moreover we show in column 6 the merger rates with respect to the to-
tal number of systems. We notice that, for some models (e.g. LOG1, LOG3, LOG4, KRO1,
LAR1, TOP1, PAR1), mergers are by farmore commonwith respect to othermodels with the
same IMF. This can be explained looking at the distribution of orbital periods of the aforemen-
tioned models. Indeed, in all the cases in matter, we adopted the S12 period model, that favor
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Model PISN rate (%) PPISN rate (%) rate PISN after merger (%) rate PPISN after merger (%) merger rate (%)
LOG1 13.59 13.22 32.24 18.12 31.25

LOG2 14.96 14.69 0.51 0.15 1.74

LOG3 17.46 14.02 42.94 23.99 45.58

LOG4 13.56 13.18 43.78 28.92 40.22

LOG5 14.35 14.49 0.49 0.13 1.69

KRO1 1.80 3.44 44.71 27.13 7.33

KRO5 1.70 3.45 0.76 0.28 0.10

LAR1 3.73 6.67 43.78 25.83 16.17

LAR5 3.49 6.69 0.70 0.26 0.29

TOP1 19.91 12.91 24.68 12.69 56.26

TOP5 22.33 16.20 0.41 0.06 4.57

PAR1 29.75 22.90 32.72 13.70 44.37

PAR5 27.42 23.94 0.46 0.08 1.63

Table 6.3: Column 1 contains the model for Pop. III initial conditions. Column 2 and 3 contain PISNe and PPISNe rates with
respect the total number of supernovae. Columns 4 and 5 contain respectively the rates of PISNe and PPISNe occurring after
a merger events with respect to the total number of PISNe and PPISNe. Column 6 contains the merger rate with respect the
total number of system in each model.

short periods with respect to SB13. Shorter periods, because of the third Kepler law, implies
shorter semi-major axis. Therefore such systems are tightly bound and they are more suitable
to experience a merger during their lifetime. This explains the different results for each model.
The large amount of mergers impact also on the rate of pair instability events occurring after a
merger. Indeed, if we have a large fraction of mergers, we expect that a large fraction of PISNe
and PPISNe occur after it. This is exactly what we observe for models LOG1, LOG3, LOG4,
KRO1, LAR1, TOP1, PAR1.

COSMORATE results

Based on the data analysis of SEVN output by Costa et al. (2023, [54]), we produced ICs suit-
able forCOSMORATE.Aspreviously done in Section 6.1.2, we created input files considering
the total amount of PISNe/PPISNe and PISNe/PPISNe occurring after or before a merger.
The substantial difference with the work shown in Section 6.1.2 consists in data driven pre-
scription adopted to describe the evolution of SFRD andmetallicity. Since nowwe are dealing
with Pop. III stars the previous equations 5.8 and 5.9 do not hold anymore. Therefore we need
new suitable descriptions of SFRD andmetallicity evolution. Concerning the SFRD,wemake
use of the A-SLOTHmodel by Hartwig et al. (2022, [66]). It is the only semi-analytic model
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Figure 6.9: SFRD for A‐SLOTH model. The blue area represents the 95% credible interval due to uncertainties in the
unconstrained input parameters. The solid line is the median value of the SFRD.

that samples and traces individual Pop. III stars, and is calibrated on several observables from
the local and high-redshift Universe – see Hartwig et al. (2022, [66]) and Uysal & Hartwig
(2023, [67]). With A-SLOTH, it is possible to quantify the uncertainties in the SFRD that
arise from unconstrained input parameters of the semi-analytic model. In particular through
a Monte-Carlo technique is possible to provide> 5000models, each with a slightly different
SFRD. From these models, Santoliquido et al. (2023, [68]) extracted the central 95% credible
interval of the SFRD. Figure 6.9 shows this 95% credible interval, which reflects uncertainties
in the unconstrained input parameters.
With this SFRDwe estimated the event rate densityR of PISNe and PPISNe by means of Eq.
5.5. In this caseψ(z) is the SFRD fromA-SLOTHmodel and the distribution ofmetallicity at
fixed formation redshift p(z′, Z) is not anymore a Gaussian distribution like in Section 6.1.2.
Indeed since we model Pop. III stars with a single metallicity (Z = 1011), we define p(z′, Z)
as a delta function for Pop. III stars, different from zero only if Z = 1011. Concerning the
PISN/PPISN efficiency η(Z) in Eq. 5.7, we assume that the binary fraction is fbin = 1, and
we do not apply any correction fIMF for not sampling stars with mass< 5M⊙. We make this
simplifying assumption because we do not know the minimum mass and binary fraction of
Pop. III stars.
With the aforementioned procedure we estimated the event rate density for the total amount
of PISNe and PPISNe found for each Pop. III model. The results are shown in Figure 6.10.
Fromherewe can observe that all rate densities have an analogous trend since they depend from
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Figure 6.10: PISNe and PPISNe event rate density for each of the Pop. III model mentioned in Table 6.2.

Figure 6.11: Rate density evolution of PISNe and PPISNe occurred after a binary merger and, before a merger for PPISNe
and with no merger for PISNe, for each model in Table 6.2.

the same SFRD. Furthermore the most top-heavy models (PAR, TOP, LOG) reach, for both
PISNe and PPISNe, rate densities even higher than 100Gpc−3 yr−1.
We also evaluated the event rate densities of PISNe and PPISNe occurred after a binary merger
and, before a merger for PPISNe and with no merger for PISNe. The results are shown in
Figure 6.11. Differently from Section 6.1.2, here we see that, in particular for PISNe, the rate
densities for events occurring before and after a merger are comparable. This effect is probably
due to the low metallicity (Z = 10−11) and the fact that most of the IMFs adopted are more
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top-heavy than the Kroupa previously used. In a population with these characteristics, stars
have an high chance to undergo PISN/PPISN with no need of a previous binary merger.
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7
Conclusion

In this work, we investigated the occurrence of pair-creation instability processes within stellar
populations. We analysed sets of stellar populations with different characteristics, including
effects induced by the cosmological evolution of the Universe.
By means of the population synthesis code SEVN [35, 36, 27], we evolved several SSPs and
BSPs characterized by the same Kroupa IMF but different metallicities. We found rates of oc-
currence of PISNe and PPISNe with particular interest on the effects induced bymetallicityZ
and binary evolution events, e.g. mergers.
Increasing Z , also the mass loss rate increases ending up with stars, in advanced evolutionary
stages, not sufficiently massive to be in the pair instability window.
Merger events dramatically change the evolutionary path of stellar systems. They can lead to
the formation of stars that can experience PISN/PPISN, even if the progenitor stars, as single
stars, were not sufficiently massive. Therefore the rate of production of PISNe and PPISNe,
for these kind of populations, is always higher in BSP with respect to SSP.
The rates we found for PISNe seems to be partially in agreement with the constraints set by
Takahashi (2018, [16]) and Moriya et al. (2021, [17]) mentioned in Chapter 2. Indeed, the
rates in SSPs agreewith the relative ratewithCCSNof 0.01−0.1%, with variations depending
on the metallicity. Instead concerning BSP, as aforementioned, rates are substantially higher
reaching values of 1− 2%. These last estimates resemble the values based on conventional stel-
lar evolution simulations for the Salpeter IMF considering the initial mass range of PISNe of
140− 260M⊙.
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Using the code COSMORATE [51, 52] we then evaluated the rate density of PISNe and PP-
SINe throughout cosmological epochs. We found the evolution of rate density with respect to
the cosmological redshift z, assuming pre-computed expressions for SFRD andmetallicity evo-
lution. We found that the rate density of both PISNe and PPISNe reach a peak around z ∼ 2,
when the cosmic star formation rate density was at its maximum. In the local Universe we
found rate densities of PISNe and PPSINe to be around 102 Gpc−3 yr−1 and 103 Gpc−3 yr−1

respectively. These values, in particular the one of PISNe, are in agreementwith the constraints
fromMoriya et al. (2021, [17]).
We eventually analysed the SEVN outcome from Pop. III binaries simulations by Costa et al.
(2023, [54]). Several models have been implemented to describe the possible evolution of this
kind of stars. All of them are very metal poor (Z = 10−11) and differ each other in binary
properties and IMF. For instance the KRO model adopt a Kroupa IMF. Indeed, if we take
into account the wider mass range here explored, we register similar PISNe and PPISNe rates
with respect the simulations performed by us. Other models like LOG, TOP and PAR instead
involve IMFs that are more top-heavy with respect to KRO and LAR models. For them, in
fact, we found extensively larger PISNe/PPISNe rates reaching also values of ∼ 20 − 30%

with respect the total number of supernovae. Furthermore, by means of COSMORATE, for
top-heavymodels we found PISNe and PPISNe rate densities exceeding 100Gpc−3 yr−1. This
indicates that, if Pop. III stars lose a negligible fraction of theirmass via stellar winds and follow
a top-heavy mass function, one of their main evolutionary channels leads them to explode as
PISNe or PPISNe. Therefore, our calculations sugest that at high redshift PISNe and PPSINe
were far more frequent than in the local Universe.
One of the major sources of uncertainty for our work is represented by stellar spins. Indeed,
in our calculations, we neglected stellar rotation, albeit it can play a fundamental role in stel-
lar evolution and final fate. Pop. III stars, in particular, might be fast spinning - see Yoon et
al. (2012, [69]); Choplin et al. (2019, [70]). According to Tanikawa et al. (2021, [65]), we
can have a glimpse of what happens to fast-spinning stars by considering the evolution of pure-
helium stars. In fact, fast spinning stars at low metallicity effectively evolve toward chemically
homogeneous evolution - see e.g., Marchant et al. (2016, [71]); du Buisson et al. (2020, [72]);
Riley et al. (2021, [73]). Therefore it could be interesting to evolve and analyse populations
of pure-helium stars, as a proxy for chemically homogeneous evolution, to get an idea of how
fast-spinning stars evolve.
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